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We review recent advances in our understanding of the odfjthe initial mass function
(IMF). We emphasize the use of numerical simulations to stigate how each physical
process involved in star formation affects the resulting=IMVe stress that it is insuf cient
to just reproduce the IMF, but that any successful model si@edaccount for the many
observed properties of star forming regions includingteltisg, mass segregation and binarity.
Fragmentation involving the interplay of gravity, turbote, and thermal effects is probably
responsible for setting the characteristic stellar massw-mass stars and brown dwarfs can
form through the fragmentation of dense laments and digkgssibly followed by early
ejection from these dense environments which truncates gn@wth in mass. Higher-mass
stars and the Salpeter-like slope of the IMF are most liketyned through continued accretion
in a clustered environment. The effects of feedback and etagrelds on the origin of the
IMF are still largely unclear. Lastly, we discuss a numbeowatstanding problems that need to
be addressed in order to develop a complete theory for thenaf the IMF.

1. INTRODUCTION generally they have lacked signi cant predictive powers.

. .. The main problem is that it is far too easy to develop a the-
One of the main goals for a theory of star formation is P y P

- L ._ory, typically involving many variables, that has as a goal
to understand the origin of the stellar initial mass funetio y, ypiea'ly 9 y 9

. . to explain a population distribution dependent on only one
(IMF). There has been considerable observational work es: b Pop b y

I §ariab|e, the stellar mass. There have been a large number
%%';h?%;gz gzeo%elr alzg)c;r; l;’);/g]eetll\gllz S)gzpég‘%;t?sg of analytical theories made to explain the IMF and there-
2003), but as yet we do not have a clear understanding of tbore the probability of any one of them being correct is

; ) o aatively small. It is thus imperative not only for a model
physics that determines the distribution of stellar masseg, ‘explain’ the IMF, but also to develop secondary indica-

The aim of thls_chap_ter IS o review th_e physical PrOCESSER:s that can be used to assess its likelihood of contrigutin
that are most likely involved and to discuss observatmnq a full theory,

tes':cjs t:at ian db_e utshed to_ d.'St'rﬁl;'SmaEtween thelm. it Recent increases of computational power have implied
nderstanding the ongin ot the M= 1S crucial as it -y 1 merical simulations can now include many of the
cludes the basic physics that determines our observable U |evant physical processes and be used to produce a mea-

verfe,fthzbgelr(e_ra}[tltiﬂ OTSt:/Ie cf:jemlcallfe:re]mfnts, :_he kin urable IMF that can be compared with observations. This
matic leedback into the andoverall the Tormation angu e ns that we no longer have to rely on analytical argu-

evolution of galaxies. Once we understand the origin o

the IME. we can also contemplate how and when the IM ents as to what individual processes can do but we can
o k . X b include these processes into numerical simulations and can
is likely to vary in certain environments such as the earl

. . Yest what their effect is on star formation and the genematio
universe and the Galactic centre.

_ . of an IMF. Most importantly, numerical simulations provide
There have been many theoretical ideas advanced (1;[0 P y P

_ ) . wealth of secondary information other than just an IMF
explam the IMF (cf.Miller gnd Scalo1979;Silk and Taka- and these can be taken to compare directly with observed
hashi1979;Fleck,1982,Zinnecker1982,1984FImegreen properties of young stars and star forming regions. We thus
and Mathieu,1983; Yoshii and Saio,1985; Silk, 1995, |

concentrate in this review on the use of numerical simula-
Adams and Fatuzzd,996,Elmegreen)1997,Clarke,1998; . : :
: t t th t f the ph I d
Meyer et al., 2000; Larson, 2003,2005; Zinnecker et 0N 0 assess fhe importance of the pnysicalprocesses an

al., 1993; Zinnecker,2005; Corbelli et al., 2005; and ref- gwd_e_l_Js in ouraim O.f developing a theory for the origin of
erences therein). Most theories are 'successful' in they th the initial mass function.

L The initial mass function is generally categorized by a
are able to derive a Salpeter-slope INFa(peter1955) but th unctionis g y gonz y



segmented power-law or a log-normal type mass distribu-
tion (Kroupa,2001; Chabrier,2003). For the sake of sim-
plicity, we adopt the power-law formalism of the type

dN/ m dm; (1)

but this should not be taken to mean that the IMF needs
to be described in such a manner. For clarity, it should be
noted that IMFs are also commonly described in terms of a
distribution in log mass:

dN / m d(log m); (2)

where = ( 1) (Scalo,1986). TheSalpete(1955)
slope for high-mass stars (se?) is then = 2:350r =

_ - Fig. 1.—The IMF for NGC3603 Gtolte et al. 2006) is shown
1:35We also note here that the critical values oF 2, o5 histogram in log masgN (log mass)) for the completeness

= 1 occur when equal mass is present in each maggyrected (solid) and uncorrected (dashed) populatioascém-

decade (for example 1 to 10 Mand 10 to 100M). parison, the&kroupa(2001) segmented power-law and tBbabrier
(2003) log-normal plus power-law IMFs are also plotted imrte
2. OBSERVED FEATURES of log mass.

The most important feature of the IMF that we need to ' ' ]
understand is the fact that there is a characteristic mass f8!low @ ‘normal’ IMF. In this case, the IMF appears to be

stars at slightly less thatM . This is indicated by the oc- & (near) universal functio_n of star formation in our Galax_y..
currence of a marked attening of the IMF below one solar One of the most pressing questions concerning the origin
mass, such that the total mass does not diverge at either highthe IMF is how early the mass distribution is set. Does
or low stellar masses. If we can explain this one basic fe&DiS occur at the molecular cloud fragmentation stage or
ture, then we will have the foundation for a complete theorgOeS it occur afterwards due to gas accretion, feedback etc.
of star formation. In terms of understanding the role of staf The possibility that the IMF is set at the pre-stellar core
formation in affecting the evolution of galaxies and theiStage has received a signi cant boost from observations of
interstellar media, it is the upper-mass Salpeter-likpelo the clump-mass distributions inOph, Serpens, Orion and
which is most important. The relative numbers of massivathers that appear to closely follow the stellar IMAdite
stars determines the chemical and kinematic feedback 8f @- 1998, 2001]esti et al. 1998;Johnstone et 3/2000;
star formation. Other basic features of the IMF are mosie® the chapter liyada et a). The main assumptionis that |
likely a lower, and potentially an upper mass cut-off. there is a direct mapping of core to stellar masses. This is
One of the most remarkable features of IMF research lncertain for a number of reasons inclut_jing the possibility
that the upper-mass Salpeter slope has survived 50 yeg;lgt some or most of the cores are gravitationally unbound
without signi cant revision (e.g.Salpeter;1955; Corbelli (Johnstone et g/2000) and therefore may never form any
et al, 2005). At the same time, much work and deStars. If the_ cores do collapse, they are .Ilkely to form bi-
bate has concentrated on understanding the low-mass INIBrY or multiple stellar systems (e.Gipodwin and Kroupa
(e.g.,Reid et al, 2002; Corbelli et al, 2005 and references 2005) which would affect the resulting steIIar_ IMF, at least
therein). It appears that the form of the IMF has convergef@" core masses 1M (Ladg 2006). Lastly, in order for
to a certain degree and is generally described as eitheff¥ clump-mass spectrum to match onto the IMF, none of
log-normal distribution with a power-law tail or as a serie§h€ extended mass in the system can become involved in
of power-laws (see Figure 1). For ease of description, tH8€ Star formation processlohnstone et al(2004) report
IMF is generally given in the latter form, such as K@upa thatin Oph only a few percent of the total mass is in the

(2001) IMF clumps. The remaining mass also explains why the clump
masses vary from study to study as the masses are likely to
dN/ m 23dm (m 05M ) depend on the exact location of the clump boundaries.
dN/ m 3dm (0:08 m 05M ) 3 Another important question concerns the universality of
dN/ m %dm (m 0:08M ): the IMF, especially the relative abundances of high and

low-mass stars§calq 2005; EImegreen2004). Although
Observational studies of the IMF in regions of star forthere have been occasional claims of top-heavy or trun-
mation (e.g.,Meyer et al, 2000, Zinnecker et al.1993) cated IMFs, they have generally relied on unresolved stel-
have shown that the IMF is set early in the star formatiofar populations and have gone away when individual stars
process. With the caveat that stellar masses (and ages) afe detected and counted. At present, there are two cases
dif cult to extract during the pre-main sequence contrati \vhich appear to be more robust and worthy of considera-
phase, most young stellar regions have mass functions th@dn. They are both located near the Galactic centre which



may be an indication of the different physics therarson  massive stars located in the dense core of the clustiér (
2005). Firstly, there is the Arches cluster which appears tienbrand and Hartmant998; Carpenter et 412000; Gar-
have a top-heavy IMF in the resolved populati@idite et cia and Mermilliod 2001). For example, mass segregation
al.,2005). Caveats are that this may be in uenced by mass present in the Orion Nebula Cluster (ONC) where stars
segregation in the cluster, incompleteness, and perhaps umore massive than ve solar masses are signi cantly more
resolved binaries. The second case is the Galactic centencentrated in the cluster core than are lower-mass stars
where the massive stars are resolv@dimard et 4/12006), (Hillenbrand and Hartmanri988). This suggests that ei-
but there appears little evidence for a low-mass pre-mather the higher-mass stars formed in the centre of the clus-
sequence population based on expected X-ray uxes and ¢&rs, or that they moved there since their formation. Mas-
dynamical mass estimatedyashin and Sunyag005).  sive stars are expected to sink to the centre of the cluster

due to two-body relaxation but this dynamical relaxation
3. RELEVANT OBSERVATIONAL CONSTRAINTS occurs on the relaxation time, inversely proportional t® th

It is apparent that many models have been advanced %ellar mass (e.gBlm?ey and Tremaind987). The young
stellar clusters considered are generally less than a-relax

explain the origin of the IMF. It is equally apparent that™ =™ . . .
b 9 qua’ly app tion time old such that dynamical mass segregation cannot

just being capable of reproducing the observed IMF is n ul d. N-body simulati h h that
a suf cient condition. We need observational tests and sec.2ve Uy occurred. IN-body simuiations have shown tha
ile some dynamical mass segregation does occur rela-

ondary indicators that can be used to distinguish betwe . . )
él[vely quickly, especially of the most massive star, the de-

the models, be they current or in the future. In theory, mo ; " ‘  be fully atiributed
if not all observed properties of young stars (discs, velodl'€€ 0T mass segregation present cannot be 1ully attribute

ities, clusterings) and star forming regions (mass distrib to dynam.|cal relaxatpn. Instead, the mass segr(.ag.atldn ISa
tions, kinematics) should be explained by a complete mod ast partially primordial§onnell and Daviesl998;Little-

for the IMF. In practice, it is presently unclear what the im- a/rFet a, 2003;)' in the ONC at 1 mill th
plications of many of the observed properties are. Here we ort examp g't'n h € ; ad rt?1| |otr;] years, the g.].af'
outline a selection of potential tests that either can bd usg'Ve stars need to have formed within three core radil Tor

presently or are likely to be usable in the next several yeargNo'bOdy re!axatlon to be able to produce the central group-
ing of massive stars known as the Trapeziworfnell and

3.1. Young stellar clusters Davies 1998). Putting the massive stars at radii greater than

. L : the half-mass radius of the cluster implies that the ONC
Itis becoming increasingly apparent that most stars form

. d clust ith the hiah tars formi would have to be at least 10 dynamical times old (3 to 5
N groups and Clusters wi € nighér-mass stars formingg; , years) in order to have a 20 % chance of creating a

almost exclusively in dense stellar environments. Thu rapezium-like system in the centre due to dynamical mass

models for the IMF need to account for the clustered naturseegregation. It therefore appears to be an unavoidable con-

of star formation qnd that the_ environmentis likely to playsequence of star formation that higher-mass stars typicall
an important role in determining the stellar masses. For e

form in the centre of stellar clusters. A caveat is that these
ample, models for the IMF need to be able to reproduce ttbe

| S ¢ stellar densiti d .conclusions depends on estimates of the stellar ages. If the
g;;ggjggazir:ﬁ ?/vlgr ;er:(rjnﬁighesrt-emgrss gtr;l:es, an apatlsystems are signi cantly older than is g_ene_rally bel?eved
One question is whether there is a phys.ical correlatiofga”a et al.ZQOS), then dynamical relaxation is more likely
, ) . have contributed to the current mass segregation.
between the star forming environment and the formation o
massive stars. A correlation between the mass of the mas.  Binary systems

massive star and the stellar density of companionsis seento

exist around Herbig AeBe stargdsti et al, 1999) although tthe bi f . ith stell Th
this is not necessarily incompatible with random sampling:a € binary irequency Increases with stetar mass.,1hus
e formation of binary stars is an essential test for mod-

from an IMF (Bonnell and Clarke1999). RecentlyWei- . L
. _els of the IMF. While the frequency of binaries amongst the
d d K 2006) h ted that ob t .

ner and Kroupa( ) have suggested that observa |onF er-mass stars and brown dwarfs i$0-30 % (see chap-

indicate a strong correlation between the most massive Stgyvb B Al this f . 1050 %
and the cluster mass, and that a random sampling model ¢ h oy burgassere gl this frequency increases to 0

be excluded. Estimates of the number of truly isolated ma or solar-tzpe starﬂu_quennoyand Mayonggl? anq upto
sive stars are of order 4 % or lete(Wit et al, 2005). It is near 100 % for massive stafl@son et al.1998;Preibisch

therefore a necessary condition for any model for the Mt gf Z%gl;farc’a fmd M_errtr;]lllltod2001)% th ;
to explain how massive star formation occurs preferestiall added importance Is that many of these systems are

in the cores (see below) of stellar clusters where stars a;(gry close, with separations less than the expected Jeans or
most crowded ragmentation lengths within molecular clouds. This im-

plies that they could not have formed at their present sepa-
3.2. Mass segregation rations and masses but must have either evolved to smaller

ob i how that tellar clust | eparations, higher masses or both. An evolution in binary
servations show that young steflar clusters genera eparation, combined with a continuum of massive binary
have a signi cant degree of mass segregation with the most

We know that many stars form in binary systems and



systems with decreasing separation down to a few stellarg length which generally contains 50 individual parti-
radii implies that the likelihood for binary mergers shouldcles, but this is also suf cient to resolve a self-gravitati
be signi cant. System mass ratios also probably depend arbject. Additionally, when following accretion ows, in-
primary mass as high-mass stars appear to have an ovéividual particles can be accreted. SPH's primary asset is
abundance of similar mass companions relative to solathat it is Lagrangian and thus is ideally suited to follow the
type stars Mason et al.1998;Zinnecker2003). ow of self-gravitating uids. Gravity is calculated diretly
The fact that binary properties (frequency, separationfrom the particles such that it can easily follow a collaps-
mass ratios) depend on the primary mass is important ing object. Following fragmentation requires resolving th
terms of models for the IMF. Fragmentation is unlikelyJeans mas®ate and Burkertl997) at all points during the
to be able to account for the increased tendency of higleellapse. When the Jeans mass is not adequately resolved,
mass binaries to have smaller separations and more simifemgments with masses below the resolution limit cannot be
masses relative to lower-mass stars, whereas subsequentfabowed and are forced to disperse into the larger-scale en
cretion potentially canRate and Bonnell1997). vironment. This results in the simulation only determining
Understanding the binary properties, and how they ddewer-limit to the total number of physical fragments which
pend on primary mass, is also crucial in determining thehould form. For the same reason, SPH cannot overestimate
IMF. For example, are the two components paired randomthe number of fragments that form. Tests have repeatedly
or are they correlated in mass? One needs to correct for ussitown that arti cial fragmentation does not occur in SPH
resolved binary systems and this requires detailed knowlHubber et al. 2006; Bonnell and Batein preparation),
edge of the distribution of mass ratiocSggar and Richtler as any clumps that contain less than the minimum number

1991;Malkov and Zinnecker2001;Kroupg 2001). of particles cannot collapse, be they gravitationally bun
or not. Young stellar objects can be represented by sink-
4. NUMERICAL SIMULATIONS particles that accrete all gas that ows into their sink teg]i

While numerical simulations provide a useful tool to tes?.nd are bound to the staB4te et al, 1995). This permits

how the individual physical processes affect the star f0|s_|_mulati0n_s to follow the dynamicsmuch Iongerthar_l ot_h<_er-
mation and resulting initial mass function, it should be re®"'>¢ possible and follow the accretion of mass onto individ-

called that each simulation has its particular strengttis aﬁJaI stars. It does exclude the possibility to resolve anglis

weaknesses and that no simulation to date has included Qierlor to the sink-radius or their susbequent fragmenta-

the relevant physical processes. Therefore all conclgsio on

based on numerical simulations should be quali ed by th% ICotmpllggted uid <t:or_1 %l:fratlonzstu<;hllles o(;:cu;mtrz:\ tllj_r'
physics they include and their abilities to follow the pro- u'ent meditim are straightiorward fo Toflow due to the -a-

cesses involved grangian nature of the SPH method. Including radiative

The majority of the simulations used to study the c)ri_transfer and magnetic elds are more complicated due to

gin of the IMF have used either grid-based methods or tHpe disorder inherent in a particle-based code. SPH also
moothes out shock fronts over at least one kernel smooth-

particle-based Smoothed Particle Hydrodynamics (SP iq length, but generally SPH does an adequate job of es-

Grid based codes use either a xed Eulerian grid or at blishing the phvsical dit the shock
Adaptive Grid Re nement (AMR). Adaptive grids are a aplis Iflg € physical COnditions across e Snock.
SPH's Lagrangian nature also makes it possible to trace

very important development as they provide much higher =" . . L
reszlutign in regions gf high densi%/ypor otherwise ofgin_|nd|V|duaI uid elements throughout a simulation in order

terest. This allows grid-based methods to follow coIIapst-O establish what exactly is occurring, something that is im

ing objects over many orders of magnitude increase in deﬁpstSIble V\gth gng-base_zddr_n%tholds. Fulrthe_rmo(rje, sttrmge_r;t
sity. The resolution elements are individual cells althoug esls can be made on Individual particies In orcer fo avol
nphysical results. For example, in the classical Bondi-

at least 8 cells are required in order to resolve a 3-d self- | i iti ¢ ve d bel
gravitating object. Grid-based methods are well suited faf > acct cHon OWS, LS NECESSary fo resolve Cown below
the Bondi-Hoyle radius in order to resolve the shock which

including additional physics such as magnetic elds and ra- g
9 Phy g llows the gas to become bound to the star. This is a grave

diation transport. They are also generally better at captu?

ing shocks as exact solutions across neighbouring grid Ces&oncern in grid-based codes as otherwise the accretion can

are straightforward to calculate. The greatest weaknes %overesumated, buts less of a worry in S.PH as particles
of grid-based methods is the necessary advection of uif@" bg re_quwed to be bqund before accretion oceurs, even
through the grid cell, especially when considering a seIfWhen inside th_e S|_nk—rad|us of the accretor. This ensures
gravitating uid. RecentlyEdgar et al.(2005) have shown that the accretion is not overestimated but under-resolved

how a resolved self-gravitating binary system can lose a2/ could result in an underestimation of the accretion

gular momentum as it rotates through an AMR grid forcing{:ates‘ Paf?'c'es that would shock, become bound and ac-
the system to merge arti cially. reted are instead free to escape the star.

In contrast, SPH uses particles to sample the uid and a
smoothing kernel with which to establish the local hydrody-
namical quantities. The resolution element is the smooth-



Fig. 2.— The gravitational fragmentation of molecular cloud is shdirom a simulation containing initial structur&lessen et
al., 1998). The gravitational collapse enhances this stragitmducing laments which fragment to form individual stafhe time tis
given in units of the free-fall time.

5. PHYSICAL PROCESSES for gravitational fragmentation is given by

There are a number of physical processes which are Ryeans 0:057 (T10) 2 ( 19) “2pc: (5)
likely to play an important role in the star formation pro-
cess and thus affect the resulting distribution of stellafhis gives an estimate of the minimum initial separation for
masses. These include gravity, accretion, turbulence; magglf-gravitating fragments.
netic elds, feedback from young stars and other semi- One can see that by varying the temperature and/or the

random processes such as dynamical ejections. density, it is straightforward to obtain the full range chds
o ) masses and thus potentially stellar masses and therefore a
5.1. Gravitational fragmentation variation in either of these variables can produce an IMF.

It is clear that gravity has to play an important and poGenerally, the temperature is low before star formation and
tentially dominant role in determining the stellar massegissumed to be nearly isothermal alOK such thatitis the
Gravity is the one force which we know plays the most imdensity which primarily determines the Jeans mass. Other
portant role in star formation, forcing molecular cloudstwi forms of support, such as turbulence and magnetic elds
densities of ordefl0 2° g cm 2 to collapse to form stars have often been invoked to set the Jeans mass [(dokee
with densities of ordet g cm 3. It is therefore likely that and Tan2003), but their relevance to gravitational fragmen-
gravity likewise plays a dominant role in shaping the IMF. tation is doubtful due to their non-isotropic nature.

Gravitational fragmentation is simply the tendency for
gravity to generate clumpy structure from an otherwise
smooth medium. It occurs when a subpart of the medium is
self-gravitating, that is when gravitational attractiocon-
nate over all support mechanisms. In astrophysics, the one
support that cannot be removed and is intrinsically isatrop
(such that it supports an object in three dimensions) is the
thermal pressure of the gas. Thus thermal support sets a
minimum scale on which gravitational fragmentation can
occur. The Jeans mass, based on the mass necessary for an
object to be bound gravitationally against its thermal sup-
port, can be estimated by comparing the respective energfelg. 3.—The IMF that results from isothermal gravitational frag-

and requiring thafEgrayj  Etherm . FOr the simplest case mentation (e.g., Fig. 2) is typically broad and log-nornmeshape
of a uniform density sphere this yields (Klessen et aJ.1998). The stellar masses are measured in terms of

the averagénitial Jeans mass of the cloud.
Moeans  1:1(T10)° ( 10) M ; 4) _ _ - _
The primary requirement for gravitational fragmentation

where 19 is the gas density in units d0 ° gcm 3 and s that there exists suf cient initial structure to provide
Ty is the temperature in units of 10 K. If external presfocus for the gravity. In a smooth uniform sphere, even
sure is important, then one must use the Bonnor-Ebert maésubregions are gravitationally unstable they will all-co
(Ebert 1955; Bonnor 1956) which is somewhat smaller. lapse and merge together at the centre of the clbagizer
The corresponding Jeans length, or minimum length scalé®63). Some form of seeding is required such that the local



for star formation always have the same physical condi-
tions and thus the same Jeans mass of order awhich
would seem unlikely. The second solution requires some
additional thermal physics which sets the Jeans mass at the
point where fragmentation occurgdrson, 2005, Spaans
and Silk,2000).
The coupling of gas to dust may provide the neces-
sary physics to change from a cooling equation of state
(T/ %25 to one including a slight heating (/ %)
with increasing gas densitiesdrson 2005). This provides
_ a method of setting the characteristic stellar mass which is
Fig. 4.—The fragmentation of lamentary structure, and the for-then independent of the initial conditions for star forma-
mation of low-mass stars and brown dwarfs, is shown in a &imul ., ‘Nymerical simulations using a simple cooling/heating
tion of the formation of a small stellar clusteB4te et al. 2003). - . - .
prescription to mimic the effects of this transition show
that this sets the fragment mass and thus the peak of the

free-fall time IMF (Jappsen et al2005; Bonnell et al, 2006a). Indeed,
3 1=2 starting from initial conditions with a Jeans masssf
= 32G (6)  which in an isothermal simulation provide a nearly at (in

i ) . log mass) IMF up to 5M , the cooling/heating equa-
is shorter than the global free-fall time of the cloud. Impri tion of state reduces this characteristic mass to baldw
ciple, any small perturbations can be suf cient as long a?Jappsen et al2005;Bonnell et al, 2006a), allowing for an

the gas remains nearly isothermdlilk, 1982), but frag- |,,her. mass Salpeter-like slope due to subsequent ageretio
mentation is effectively halted once the gas becomes O?s'ee below).

tically thick and the collapse slows dowidhling 1982; Stellar masses signi cantly lower than the characteristic

Boss 1986). Simple deformations in the form of Shem%tellar mass are also explainable through gravitatioaglfr
(Larson 1985; Burkert and Hartmanr2004) or laments  entation. In a collapsing region the gas density can in-
(Larson 1985; Bastien et al.1991) are unstable 10 frag- o rea5e dramatically and this decreases the Jeans mass. The
mentation as the local free-fall time is much shorter thaBrovvth of lamentary structure in the collapse (see Fig. 4),
that for the (_)bJeCt as a Wh0|e_' This ‘f"”OWS any deng e to the funneling of gas into local potential minima, can
sity perturbations to grow non-linear during the collapsey e, provide the seeds for fragmentation to form very low-
More complex con gurations (see Figure 2) in the initiaImass objects such as brown dwarBate et al. 2002a).

density eld can equally result in grawtatl.onal fragmen-penge circumstellar discs also provide the necessary low
tation (e.g.,EImegreen and Falgarong996; Elmegreen  jo,n5 mass in order to form low-mass stars and brown

1997, 1999;Klessen et a].1998; Klessen and BUurkert qarfs. Numerical simulations of gravitational fragmenta

2000, 2001). The origin of such density uctuations can;gn can thys explain the characteristic stellar mass aad th

be due to the 'turbulent_‘ yelocity eld seen in moI(.ecu.Iar roughly at (in log space) distribution of lower-mass stars
clouds (see below) providing the seeds for the gravnatlongnd brown dwarfsBate et al, 2003).

fragmentationKlessen2001;Bate et al. 2003;Bonnell et g pqyitational fragmentation is unlikely to determine

al, 2003, 2006a). . the full mass spectrum. It is dif cult to see how gravi-
_ O_ne of the genera_l o_utcomes of gravitational frag”_1em"i‘éltiOhﬁll fragmentation could account for the higher-mass
tion is that an upper limit to the number of fragments is 8pga ;s These stars are born in the dense cores of stellar clus

proximately given by the number of Jeans masses presentif}s where stars are fairly closely packed. Their separstio
the cloud (arson 1978, 1985Bastien et al.1991:Klessen .o pe ysed to limit the sizes of any pre-stellar fragments

et al, 1998,Bate et al. 2003). This is easily understood as, s the jeans radius, the minimum radius for an object to

being the numbe_r O_f individual eleme_nts Within_the clougye gravitationally bound. This, combined with probable
that can be gravitationally bound. This results in an avergaS temperatures, imply a high gas density and thus a low

age fragment mass that is of order the Jeans matse  joans masszinnecker et al.1993). Thus, naively, it is
time of fragmentatiorfe.g., Klessen et a].1998;Klessen |,y mass and not high-mass stars that would be expected

2001;Bonnell et al, 2004, 2006aClark and Bonnel2005; o 4 gravitational fragmentation in the cores of clusters

Jappsen et al.20_05)_. The Jean; criterion can t_he_n ben general, gravitational fragmentation would be expected
thought of as a criterion to determine the characteriséile st ;. i still a reverse mass segregation, the opposite of which

lar mass and thu§ provides the foundatio_ns for the c_)rigig seen in young clusters. Similarly, although fragmeotati
of the IMF. Resultln.g IMFs are log-normal in s.hape (Fig-3is Jikely to be responsible for the formation of most binary
Klessen et a].1998; Klessen and Burker2001; Klessen g4 it cannot explain the closest systems nor the tegdenc

2901; Bate et al. 2003). The pro_blem is then Wh"f‘t deter- higher-mass stars to be in close systems with comparable
mines the Jeans mass at the point of fragmentation. Thete, (o companions.

are two possible solutions. First, that the initial corafig



5.2. Turbulence suming that the shock width gives the three-dimensional

has | b K h . . size of the clumpNI / w 3). High velocity shocks pro-
Ithas long been known that supersonic motions are COuce high density but small clumps, and thus the lowest

talned within molecular CI.OUdS (Larson_ 1981). These MGhass objects. In contrast, lower velocity shocks produce
tions are generally considered as being turbulent prlnCl'c'>w—density but large shocks which account for the higher-

i idth-si i 0:5 _ : e
pallylk;eSCla.ulj_lse of the dllgewutggosizehrelatl_or{_ R h (Lar mass clumps. Using the power-spectrum of velocities from
son, ,Heyer ana brun ) that mimics the expec- numerical simulations of turbulence, and estimates of the

tation for turbulencefImegreen and Scgl@004) and im- ensity, , and width,w, of MHD shocks as a function

plies an energy cascade from_ large to small scales. it the ow speed,Padoan and Nordlun@2002) derive a
ternatively, the clouds could simply contain random bulky, .\, mass distribution for turbulent fragmentation. The

tht'(I)(nS genelrlated ?tza(slz)gck:)aleilsuch r?sl occufrs mha clu bulent spectrum results in a 'universal' IMF slope which
shock Bonnell et al, )- Nevertheless, for the pur'closely resembles the Salpeter slope. At lower masses,

pOses of th's_ review, we de ne turbulenge as SUpersoniGysigeration of the likelihood that these clumps are suf-
irregular motions in the clouds that contribute to the SUp'(:iently dense to be Jeans unstable produces a turnover and
port of these clouds (see chapter by BalIesteros-Paredesa%g normal shape into the brown dwarf regime. This is

al.). Itis well known that turbulence or its equivalent can, -\, ateq from the fraction of gas that is over the critical

generate dr?nslity itructures in m(;]lecular clouds due t.o SHensity for a particular Jeans mass, but it does not require
personic shocks t ‘?‘t compress the galnegreen1993; that this gas is in a particular core of that mass.
Vazquez-Semaderi994;Padoan1995;Stone et al.1998;

Mac Low et al, 1998; Ostriker et al. 1999;Mac Low and
Klessen 2004; ElImegreen and Scagl®@004). The resul-
tant distribution of density structures, generally rederto

as turbulent fragmentation, can either provide the seeds fo
a gravitational fragmentation (e.g., references aboyee-es
cially Mac Low and Klesser2004), or alternatively could
determine the IMF directly at the pre-stellar core phase of
star formation Padoan et 411997, 2001Padoan and Nord-
lund, 2002).

Fig. 6.— The clump-mass distribution from a hydrodynami-
cal simulation of turbulent fragmentatiof8&l/lesteros-Paredes et
al., 2006a). Note that the high-mass end does not follow a Salpet
slope.

Numerical simulations using grid-based codes have in-
vestigated the resulting clump-mass distribution from tur
bulent fragmentation. Whil&adoan and Nordlun@004)
have reported results consistent with their earlier arclyt
models Ballesteros-Paredes et @006a) conclude that the
high-mass end of the mass distribution is not truly Salpeter
but becomes steeper at higher masses. Furthermore, the

Fig. 5.—The fragmentation of a turbulent medium and the forshape depends on the Mach number of the turbulence im-
mation of prestellar clumpsBallesteros-Paredes et,&006a). plying that turbulent fragmentation alone cannot repreduc
the stellar IMF Ballesteros-Paredes et,&006a). The dif-
Turbulent fragmentation provides an attractive mechderence is attributed to having multiple shocks producing
nism to explain the IMF as it involves only one physicalthe density structure, which then blurs the relation betwee
process, which is observed to be ubiquitous in moleculahe turbulent velocity spectrum and the resultant clump-
clouds EImegreerl993; Padoan et 811997, Padoan and mass distribution. Thus, the higher mass clumps in the
Nordlund 2002). Multiple compressions result in the for-Padoan and Nordlund model have internal motions which
mation of sheets and then laments in the cloud. The derwill sub-fragment them into smaller clumps (see chapter by
sity and widthsw of these laments are due to the (MHD) Ballesteros-Parades et)al.
shock conditions such that higher Mach number shocks The above grid-based simulations are generally not able
produce higher density but thinner lament®qdoan and to follow any gravitational collapse and star formation so
Nordlund 2002). Clump masses can then be derived ashe question remains open what stellar IMF would result.



SPH simulations that are capable of following the gravitarectly from turbulent compression is still an open question
tional collapse and star formation introduce a further comas it is unclear if turbulent compression can form gravita-
plication. These simulations nd that most of the clumpdionally bound cores at such low masses. Turbulent com-
are generally unbound and therefore do not collapse to forpression is least likely to be responsible for the high-mass
stars Klessen et aJ.2005; Clark and Bonne/l2005). It slope of the IMF as numerical simulations suggest that the
is only the most massive clumps that become gravitatiomigh-end core-mass distribution is not universal and does
ally unstable and form stars. Gravitational collapse nexpui not follow a Salpeter-like slope (see Fig. 6).

masses of order the unperturbed Jeans mass of the cloud

suggesting that the turbulence has played only a minor rofe3. Accretion

in triggering the star formation processlark and Bonnell

2005). Even then, these cores often contain multiple ther-

mal Jeans masses and thus fragment to form several stars. Gas inflow /’_

In terms of observable predictions, tRadoan and Nord- \
lundturbulent compression model suggests, as does gravi- N v
tational fragmentation, that the minimum clump separation
scales with the mass of the core. Thus, lower-mass clumps
can be closely packed whereas higher-mass cores need to b
well separated. If these clumps translate directly intossta
as required for turbulent compression to generate the IMF,
then this appears to predict an initial con guration where
the more massive stars are in the least crowded locations.

Unless they can dynamically migrate to the cores of stel- Cluster potential
lar clusters fairly quickly, then their formation is dif duto
attribute to turbulent fragmentation.

Turbulence has also been invoked as a support for madsig. 7.— A schematic diagram of the physics of accretion in a
sive cores KcKee and Tan2003) and thus as a potentialStellar cluster: The gravitational potential of the indival stars
source for massive stars in the centre of clusters. The mdffm & larger scale potential that funnels gas down to thetefu
idea is that the turbulence acts as a substitute for thernf'®: The stars located there are therefore able to accreegas

support and the massive clump evolves as if it was ver.?1d beco.me h_|gher-mass stars. The gas reservoir can be-reple
{ hed by infall into the large-scale cluster potential.

warm and thus has a much higher Jeans mass. The dif culty
with this is that turbulence drives structures into objectd

therefore any turbulently supported clump is liable to frag
ment, forming a small stellar cluster instead of one sta
SPH simulations have shown that, in the absence of ma
netic elds, a centrally condensed turbulent core fragreen ) ) _
readily into multiple objects@obbs et al.2005). The frag- 1969) with only a fraction of a stellar mass reaching stel-

mentation is somewhat suppressed if the gas is already ol densities at the end of a free-fall time. The vast ma-
cally thick and thus non-isothermal. Heating from accrretiolC"1ty ©f the eventual star needs to be accreted over longer

onto a stellar surface can also potentially limit any fragymescales. Secondl){, fragmentation is hlghly 'n.ef. gent
mentation Krumholz 2006) but is likely to arise only after ywth only a small fraction of the. tot_al mass being initially
the fragmentation has occurred. In fact, the dif culty tgal mcorporated into the ser:f-glrawta(;lng fre_lgmen!sa(lson

lies in how such a massive turbulent core could formin thé978’Balfe etal 2003). Thirdly, and most importantly, mm
rst place. In a turbulent cloud, cores form and dissipaté)bservat'ons of molecular clouds show that even when sig-

on dynamical timescales suggesting that forming a |an1_i cant structure is present, t_his structure only compsiae
lived core is problematicRallesteros-Paredes et,&1999; ew percent of the mass availablgtte et al, 1998;John-

Vazquez-Semadeni et 22005). As long as the region con- stone et al.2000). The great majority of the cloud mass

tains supersonic turbulence, it should fragment on its dy® '3 a mo(rjebdlstn_but_ed form at lower columnldensmes,
namical timescale long before it can collapse as a singfe®> detected by extinction mappingphinstone et al2004).

entity. Even MHD turbulence does not suppress the genef®Un9 stellar clusters are also seen to have 70 to 90 % of

ation of structures which will form the seeds for fragmentat- eir total mass in the form of gasdda and Lada2003).

tion (see chapter ballesteros-Paredes et)al. Thus, a large gas reservoir exists such that if accretion of

The most probable role for turbulence is as a means f(t)rﬂ's gas does occur, it is likely to be the dominant con-
generating structure in molecular clouds. This structuriPUter to the nal stellar masses and the IMF.
then provides the nite amplitude seeds for gravitational MOdels using accretion as the basis for the IMF rely es-
fragmentation to occur, while the stellar masses are set Wntlally on the equation
the local density and thermal properties of the shocked gas.
The formation of lower-mass stars and brown dwarfs di-

Gas accretion is a major process that is likely to play
an important role in determining the spectrum of stellar
1asses. To see this, one needs to consider three facts. First
ravitational collapse is highly non-homologousafson

M = M tacc; (7)



and by having a physical model to vary either the accretioradius at which gas is irrevocably bound to the star. As
rate M. or the accretion timescalg.c, can easily gener- a cautionary note, in a stellar cluster the local gas density
ate a full distribution of stellar masses. In fact, accretio depends on the cluster potential and the relative gas veloc-
can be an extremely complex time-dependent phenomenityi can be very different from the star's velocity in the rest
(e.g.,Schmeja and Klesse2004) and it may occur in bursts frame of the cluster, as both gas and stars are experiencing
suggesting that we should consider the above equation time same accelerations.
terms of a mean accretion rate and timescale. The accretionNumerical simulationsBonnell et al, 2001a) show that
rates can be varied by being mass dependenspn 1978; in a stellar cluster the accretion radius depends on whether
Zinnecker1982;Bonnell et al, 2001b), dependent on vari- the gas or the stars dominate the potential. In the former
ations of the gas densityBbnnell et al.,1997, 2001a) or case, the relative velocity is low and accretion is limited b
on the relative velocity between gas and stdBer(di and the star's tidal radius. This is given by
Hoyle, 1944; Bate et al. 2003). Variations irtac. (Basu )
and Jones2004; Bate and Bonnell2005) can be due to Rigas 0:5(M =Menc)®* R ; (9)
ejections in clustersRate et al. 2002a, see5.6 below)
or feedback from forming starsShu et al. 2004; Dale et Which measures at what distance gas is more bound to an
al, 2005, see.5 below). individual star rather than being tidally sheared away ey th
The rst models based on accretiobarson 1978,1982; overall cluster potential. The tidal radius depends on the
Zinnecker 1982) discussed how stars compete from thgtar's position in the cluster, via the enclosed clustersnas
available mass in a reservoir. Stars that accrete slightlj enc at the radial location of the st& . The alternative is
more due to their initial mass or proximity to more gaar- if the stars dominate the potential, then the relative vigloc
son 1992) increase their gravitational attraction and therd2€tween the gas and the stars can be high. The accretion
fore their ability to accrete. The depletion of the gas resefadius is then the more traditional Bondi-Hoyle radius of
voir means that there is less for the remaining stars to athe form
crete. This competitive accretion then provides a reason Ren  2GM (v + c2): (10)

why there are a few high-mass stars compared to a mughs 5yays the smaller of these two accretion radii which
larger number of low-mass stars. _ determines when gas is bound to the star and thus should
In a stellar cluster, the accretion is complicated by thge e to determine the accretion rates. We note again
overall potential of the system. Figure 7 shows schemafg ot the relative gas velocity can differ signi cantly from
ically the effect of the cluster potential on the competiy,e star's velocity in the rest frame of the cluster. Using
tive accretion process. The gravitational potential is thg qimpie model for a stellar cluster, it is straightforwand t

combined potential of all the stars and gas contained ig,,y that these two physical regimes result in two differ-

the cluster. This potential then acts to funnel gas dowgy |\F siopes because of the differing mass dependencies

to the centre of the cluster such that any stars located ihe accretion ratesBonnell et al, 2001b). The tidal
there have signi cantly higher accretion rated3opinell et dius accretion hasl. / MZ22 and. in an / r 2

r
al, 1997, 2001a). These stars therefore have a greater a%ﬁéllar density distribution results in a relatively sball

ity to become higher-mass stars due to the higher gas depy;, / M L5dM (cf. Klessen and Burker2000). Shal-

sity and due to the fact that this gas is constantly being "fower stellar density distributions produce steeper IMFs.

Plenished by infall from the outer part of th? cluster. Starf’—“or accretion in a stellar dominated potential, Bondi-toyl
that accrete more are also more liable to sink to the centr

X ) . . Stcretion in a uniform gas distribution results in an IMF of
of the potential and thereby increase their accretion rat g

. . : . e formdN / M 2dM (Zinnecker1982). To see this,
further. Itis WOFthWhHe notmg here that this process wbul consider an accretion rate based on equations (8) and (10)
occur even for a static potential where the stars do not move.
The gas is being drawn down to the centre of the poten- M/ M2 (11)
tial. It has to settle somewhere, and unless it is already a
self-gravitating fragment (ie a protostar), it will falltmthe  with a solution
local potential of one of the stars. M = Mo (12)

Stars not in the centre of the cluster accrete less as gas T 1 Mt

is spirited away towards the cluster centre. This ensurggereM, is the initial stellar mass and includes the de-

that the mean stellar mass remains close to the chara’rcieri%;endence on gas density and velocity (assumed constant in

mass given by the fragmentation process. Accretion ratgge). From equation(12) we can derive a mass function

onto individual stars depend on the local gas density, thgy = F(M )dM by noting that there is a one to one map-

mass of the star and the relative velocity between the ga#ng of the initial and nal stellar masses (ie, that the tota

and the star: number of stars is conserved and that there is a monotonic
MV R (8)  relation between initial and nal masses) such that

whereR ¢ is the accretion radius which depends on the

mass of the star (see below). The accretion radius is the F(M)dM = F(Mo)dMo: (13)



Fig. 8.—The fragmentation of a 100@ turbulent molecular cloud and the formation of a stellastdu Bonnell et al, 2003). Note
the merging of the smaller subclusters to a single big cluste

Using equation(12) we can easily derive
F(M )= F(Mo)(M =Mo) *: (14)

which, in the case where there is only a small range of initial
stellar masses and fbd >> M ¢, gives

Number

dN/ M 2dM™ ; (15)

whereas if the ‘initial' mass distribution is initially sigf-

icant and decreasing with increasing masses, then the re-
sulting IMF is steeper. In a stellar cluster with a degree of
mass segregation from an earlier gas-dominated phase, this
results in a steeper l_MF closer ¢ / M Z5dM (Bon'_ Fig. 9.— The resulting IMF from a simulation of the frag-
nell etal, 2001b). This steeper IMF is therefore appropriaté,entation and competitive accretion in a forming stellarsel
for the more massive stars that form in the core of a clustesr (e.g., Bonnell et al, 2003) is shown as a function of log
because it is there that the stars rst dominate the clust@fass ¢N (log mass)). Overplotted is the three segment power-
potential. Although the above is a semi-analytical moddbw IMF from Kroupa(2001) and Chabrier's (2003) log-normal
and suffers from the pitfalls described in introductiorisit plus power-law IMF. The masses from the simulation have been
comforting to note that numerical simulations do reproductescaled to re ect an initial Jeans mass oD:5M .

the above IMFs and additionally show that the higher-mass

stars accr_ete the_majonty of thelr. mass in the stellar OIOm(':'entre and has a population consistent with a Salpeter IMF
nated regime which should, and in this case does, prOdufgonneII et al, 2004)

the steeper Salpeter-like IMB6Onnell et al, 2001b). i :

; . . : One of the advantages of such a model for the IMF is
A recent numerical simulation showing the fragmenta,, .. ! .
. ? that it automatically results in a mass segregated cluster.
tion of a turbulent molecular cloud and the formation of

8rhis can be seen from the schematic Figure 7 showing how

. . - . e stars that are located in the core of the cluster bene-
fall into local potential minima, forming small-N systems . . o
t from the extended cluster potential to increase their ac

which subsequently merge to form one larger stellar clus- . - )
L X : ; cretion rates over what they would be in isolation. Thus
ter. The initial fragmentation produces objects with masse .
stars more massive than the mean stellar mass should be

comparable to the mean Jeans mass of the clou@§M )

AR - relatively mass segregated from birth in the cluster. This i
which implies that they are formed due to gravitational, not 2 : . N

; . ..._shown in Figure 10 which displays the distribution of low-
turbulent, fragmentation. It is the subsequent competitiv

. : . mass stars with the higher-mass stars located in the centre
accretion which forms the higher-mass staBornell et of individual clusters. There is always a higher-mass star
al, 2004) and thus the Salpeter-like power law part of the : Y 9

IMF. Overall, the simulation forms a complete stellar popln every (sub)-cluster. Even when individual sub-clusters

Ulation that follows a realistic IMF from®:IM  to 30M merge, the massive stars quickly settle into the centre of

(Fig.9 andBonnell et al. 2003). Accretion forms six stars in the combined potential thereby bene tting most from any

excess of 10 M with the most massive star nearly 30 M continuing accretion. One of the strong predictions of com-

. : . . ﬁJetitive accretion is that there is a direct correlatiomisstn
Each forming sub-cluster contains a more massive star in its

Mass
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the formation of a stellar cluster and the most massivetstartakes too long, and that it would inhibit fragmentation and
contains. Accretion and the growth of the cluster are linkethus the formation of multiple stars and clusters, and cru-
such that the system always has a realistic IMF. cially that supersonic motions are common in molecular
clouds, the perceived role of magnetic elds has been re-
vised to one of increasing the lifetime of turbulendedns
and Max 1975; Lizano and Shu1989). More recently, it
has been shown that magnetic elds have little effect on the
decay rate of turbulence as they do not fully cushion shocks
(Mac Low et al, 1997; Stone et al.1997). Still, magnetic
elds are likely to be generally present in molecular clouds
and can play an important, if still relatively unknown role.
There have been many studies into the evolution of MHD
turbulence and structure formation in molecular clouds
(e.g., Ostriker et al. 1999, Vazquez-Semadeni et 22000
; Heitsch et al. 2001; Tilley and Pudritz 2005; Li and
Nakamura2004; see chapter lyalesteros-Paredes et)al.
These simulations have found that both MHD and pure HD
simulations result in similar clump-mass distribution®ieO
, . . ] _difference is that the slightly weaker shocks in MHD turbu-
Fig. 10.—The location of the massive stars (dark circles) iSance shift the clump-masses to slightly higher masses.
shown to be.'n the centre of 'nd'V.'O.lual S”bCI.USterS of lowsma One potential role for magnetic elds which has not been
stars (light circles) due to competitive accretion (&onnell et - .
al, 2004). adeq_uatel)_/ explored is tha‘g they could pIay_an important
role in setting the characteristic stellar mass in termsnof a

There have recently been some concerns raised that £&f€ctive magnetic Jeans mass. Although in principle 8is i

cretion cannot produce the high-mass IMF either due to n§2SY t0 derive, it is unclear how it would work in practice
merical reasonsKrumholz et al, 2006) or due to the tur- & magnetic elds are |_ntr|nS|gaIIy non-isotropic and ther
bulent velocity eld (Krumholz et al, 2005a). The numer- fore the analogy to an isotropic pressure support is dit cul

ical concern is that SPH calculations may overestimate 4@ make. Recent work on this Byhu et al(2004) has in-

accretion rates if they do not resolve the Bondi-Hoyle ravestigated whether magnetic levitation, the support of the

dius. However, SPH simulations, being particle based, eQUter envelopes of collapsing cores, can set the characteri
sure that unphysical accretion does not occur by demandifi§ Mass. Inclusion of such models into numerical simula-
that any gas that is accreted is bound to the star. The secdfff's IS needed to verify if such processes do occur.
concern is that accretion rates should be too low in a tur-

bulent medium to affect the stellar masses. Unfortunatel?,‘S' Feedback

this study assumes that gravity is negligible on large scale gpservations of star forming regions readily display the
except as a boundary condition for the star forming clumggct that young stars have a signi cant effect on their envi-
This cannot be correct in a forming stellar cluster whergonment. This feedback, including jets and out ows from
both gas and stars undergo signi cant gravitational aceelejoy-mass stars, and winds, ionisation, and radiation pres-
ations from the cluster potential. Furthermakeumholz et syre from high-mass stars, is therefore a good candidate to
al. take a virial velocity for the clump to use as the turbuhgajt the accretion process and thereby set the stellar siasse
lent velocity neglecting that turbulence follows a velgeit (Silk, 1995, Adams and Fatuzzd 996). To date, it has
sizescalev / R'2 law (Larson 1981; Heyer and Brunt peen dif cult to construct a detailed model for the IMF from
,2004). SPH simulations show that mass accretion occUSedback as it is a rather complex process. Work is ongo-
from lower velocity gas initially, proceeding to higher ve-jng to include the effects of feedback in numerical mod-
locities when the stellar mass is larger, consistent with bo g5 of star formation but have not yet been able to generate
the requirements of the turbulent scaling laws and Bondite|lar mass functions.( and Nakamura2005). In these
Hoyle accretion Bonnell and Bate2006, in preparation).  models, feedback injects signi cant kinetic energy inte th
o system which appears to quickly decay away aghim(d
5.4. Magnetic Fields Nakamura2005). Overall, the system continues to evolve

Magnetic elds are commonly invoked as an importani(conapse) in a similar way to simulations that neglect both
mechanism for star formation and thus need to be consiff€dPack and magnetic elds (e.gonnell et al, 2003).

ered as a potential mechanism for affecting the IMF. Mag- Névertheless, we can perhaps gamer some insight from
netic elds were initially believed to dominate molecular '€cent numerical simulations including the effects of oni

clouds with ambipolar diffusion of these elds driving the sation from massive star®gle et al, 2005). The inclusion

star formation processMlestel and Spitzerl956; Shu et of ionisation from an O star into a simulation of the forma-
al, 1987). Since the realisation that ambipolar diffusioﬁion of a stellar cluster shows that the intrinsically isgtic

11



radiation escapes in preferential directions due to the nomg mergers of intermediate or high-mass sindd@rgnell

uniform gas distributions (see als@umholz et al, 2005b). et al, 1998;Bonnell and Bate2002;Bally and Zinnecker

Generally, the radiation decreases the accretion rates [A@t05) or binary Bonnell and Bate2005) stars. In either

does not halt accretion. In more extreme cases where thase, mergers require relatively high stellar densitiesrof

gas density is lower, the feedback halts the accretion almader10® and1(® stars pc 2 respectively. These densities, al-

completely for the full cluster. This implies that feedbackhough higher than generally observed are conceivably due

can stop accretion but probably not differentially and #her to a likely high density phase in the early evolution of stel-

fore does not resultin a non-unifot. which can be com- lar clusters Bonnell and Batg2002;Bonnell et al, 2003).

bined with a uniformM_ to form a stellar IMF. In fact, estimates of the resolved central stellar density i
Feedback from low-mass stars is less likely to play aB0 Doradus and the Arches cluster are of order a fev@®

important role in setting the IMF. This is simply due toM pc 2 (Hofmann et al.1995; Stolte et al. 2002). Such

the well collimated out ows being able to deposit their en-events could play an important role in setting the IMF for

ergy at large distances from the star forming environmetihe most massive stars.

(Stanke et aJ.2000). As accretion can continue in the much

more hostile environment of a massive star where the feel:7. Summary of processes

back is intrinsically isotropic, it is dif cult to see a roler

) . X From the above arguments and the expectation of the dif-
well collimated out ows in setting the IMF.

ferent physical processes, we can start to assess what deter
mines the stellar masses in the various regimes (Fig. 11). A
general caveat should be noted that we still do not have a

The fact that most stars form in groups and clusters, arfgorough understanding of what magnetic elds and feed-
on smaller scales in binary and multiple systems, mearméick can do but it is worth noting that in their absence we
that they are likely to interact with each other on timesgalecan construct a working model for the origin of the IMF.
comparable to that for gravitational collapse and acanetio First of all, we conclude that the characteristic stellassa
By interactions, we generally mean gravitational interac@nd the broad peak of the IMF is best attributed to gravita-
tions (Reipurth and Clarke2001) although in the dense tional fragmentation and the accompanying thermal physics
cores of stellar clusters this could involve collisions andVhich sets the mean Jeans mass for fragmentation. The
mergers Bonnell et al, 1998, Bally and Zinnecker2005) broad peak can be understood as being due to the dispersion
These processes are essentially random with a probabilifygas densities and temperature at the point where fragmen-
given by the stellar density, velocity dispersion and atell tation occurs. Turbulence is a necessary condition in that i
mass. Close encounters with binary or higher-order sy§enerates the lamentary structure in the molecular clouds
tems generally result in an exchange of energy which camhich facilitates the fragmentation, but does not itsetf se
eject the lower-mass objects of the encounReipurth and the median or characteristic stellar mass.

Clarke 2001). Such an event can quickly remove an accret- Lower-mass stars are most likely formed through the
ing star from its gas reservoir, thereby truncating its eccr 9ravitational fragmentation of a collapsing region suddt th
tion and setting the stellar mass. This process is whatis se@€ increased gas density allows for lower-mass fragments.
to occur in numerical simulations of clustered star formal hese fragments arise in collapsing laments and circum-
tion (Bate et al. 2002a, 2003) where low-mass objects arstellar discs Bate et al. 2002a). A crucial aspect of this
preferentially ejected. These objects are often thendithit mechanism for the formation of low-mass stars and brown
to being brown dwarfs whereas they could have accreted lqk;varfs is that they not be allowed to increase their mass sig-
to stellar masses had they remained in the star forming coécantly through accretion. If lower-mass stars are indee
(see alscPrice and Podsialowski995). formed in gas dense environments to achieve the low Jeans

Numerical simulations including the dynamics of theMasses, then subsequent accretion can be expected to be
newly formed stars have repeatedly shown that such interati@ni cant. Their continued low-mass status requires that
tions are relatively common\cDonald and Clarkel995; they are ejected from their natal environment, or at least
Bonnell et al. 1997: Sterzik and Durisen1998, 2003; that they are accelerated by stellar interactions such that
Klessen and Burker2001:Bate et al.2003,Bate and Bon- their accretion rates drops to close to zero. The turbulent
nell, 2005), especially in small-N or subclusters where thEompressional formation of low-mass objed®afoan and
velocity dispersion is relatively low. Thus, such a mechalNordlund 2004)is potentially a viable mechanism although
nism should populate the entire regime from the smalle§@n icting simulations have raised doubts as to whether
Jeans mass formed from thermal (or turbulent) fragment{W-massgravitationally boundtores are produced which
tion up to the characteristic mass. This results in a redgtiv then collapse to form stars.
at IMF (in log mass) for low-mass objectsk{essen and  Lastly, we conclude that the higher-mass IMF is prob-
Burkert 2001; Bate et al. 2003, Bate and Bonnell2005; ably due to continued accretion in a clustered environ-
Bate 2005;Delgado-Donate et al2004). ment. A turbulent compression origin for higher mass stars

Stellar mergers are another quasi-random event thist Problematic as the core-mass distribution from turbu-
could occur in very dense cores of stellar clusters invol€nce does not appear to be univerdgallesteros-Paredes

5.6. Stellar interactions
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et al, 2006). Furthermore, the large sizes of higher mags.1. Clump-mass spectrum
prestellar cores generated from turbulence suggest it th In order for the stellar IMF to come directly from the

should be found in low stellar density environments, no“%lump-mass spectra observed in molecular clouds (e.g.,
the_ dense cores of stell_ar cIus_ters. Nor should they thef} )1a ot al, 1998; Johnstone et al2000), a one-to-one
be in close, oreven relatively wide, _b'”ar}’ systems. _In CorH1apping of core clump to stellar mass is required. The high
trast, the ability of the cluster potential to increase ation frequency of multiple systems even amongst the youngest
rates onto the stars in the cluster centre is a simple explang, o Duchéne et al.2004) makes a one-to-one map-
tion for more massive stars in the context of low-mass Stfﬂing unlikely for masses near solar and above. At lower
formation. Continuing accretion is most important for themasses, the reduced frequency of binary systems (e.g.,
more massive stars in a forming cluster because it is theﬁ%da, 200pmeans that a one-to-one mapping is potentially
that settle, and remain, in the denser central regions. ThiS o Another potential dif culty is that some, espetjal
also produces the observed mass segregation in young S?Slﬁ/er mass, clumps are likely to be transiedolinstone

> ( YENCE 8P al, 2000). Simulations commonly report that much of
rates ( M ?) results in a Salpeter-like high-mass IMF. ¢ |o\wer-mass structure formed is gravitationally untsbun

Continued accretion and dynamical interactions can als(‘?(lessen 2001; Clark and Bonnell2005; Tilley and Pu-
potentially explain the existence of closer binary stangl a dritz, 2005). Furthermore, as such mass spectra can be

the dependency of binary properties on st(_allar masSate( understood to arise due to purely hydrodynamical effects
et a{, 2002b;Bonnell and Bat;_eZOO_S;Sterz_lk et al.2003; without any self-gravity (e.g.Clark and Bonne/2006),
Durisen et al. 2001). Dynamical interactions harden anyy,q yejevance for star formation is unclear. If the clump-
existing binary S_terZIk and Dyrlsgruggs, 2003Kroupa mass spectrum does play an integral role in the origin of
1995) and contm.ue(_j accretion increases both the Ste"@{e IMF, then there should be additional evidence for this
masses and the binding energy of the SYS@M and Bon- in terms of observational properties that can be directly
n_eII, 1997; Bonnell an_d Bate2005). This can expla|_n the compared. For example, the clustering and spatial mass
higher frequency of binary systems amongst massive stagq i tion of clumps should compare directly and favor-

and the increased likelihood that these systems are clase aa{bly to that of the youngest class 0 sources (€bmegreen
of near-equal masses. and Krakowski2001).

6.2. Massive stars

The formation of massive stars, with masses in excess
of 10M , is problematic due to the high radiation pressure
on dust grains and because of the dense stellar environment
in which they form. The former can actually halt the in-
fall of gas and thus appears to limit stellar masses. Sim-
ulations to date suggest that this sets an upper-mass limit
to accretion somewhere in the 10 to 40 Mange Wol re
and Casinelli1986;Yorke and Sonnhalte2002;Edgar and
Clarkeg 2004). Clearly, there needs to be a mechanism for
circumventing this problem as stars as massive as 80-150
M exist (Massey and Huntet998; Weidner and Kroupa
2004;Figer, 2005). Suggested solutions include disc accre-
tion and radiation beaming, ultra high accretion rates that

Fig. 11.—A schematic IMF showing the regions that are ex-Overwhelm the radiation pressurki¢Kee and Tan2003),
pected to be due to the individual processes. The peak oftke | Rayleigh Taylor instabilities in the infalling ga&fumholz
and the characteristic stellar mass are believed to be dyew® et al, 2005c) and stellar collisionBpnnell et al, 1998;
tational fragmentation, while lower mass stars are bestrstdod  Bonnell and Bate2002, 2005). The most complete simu-
as being due to fragmentation plus ejection or truncateteion  |ations of disk accretionYorke and Sonnhalte2002) sug-
while higher-mass stars are understood as being due tdiaccre gest that radiation beaming due to the star's rapid rotation
combined with disc accretion can reach stellar masses of
order 30 to 40 M, although with low ef ciencies. What
is most important for any mechanism for massive star for-
There are outstanding issues which need to be resolvétation is that it be put into the context of forming a full
in order to fully understand the origin of the IMF. SomelMF (e.g., Bonnell et al, 2004). The most likely scenario
of these involve detailed understanding of the process, (e.§or massive star formation involves a combination of many
massive star formation, mass limits) whereas others imclu®f the above processes, competitive accretion in order to

new observations which may be particularly useful in detesset the distribution of stellar masses, disk accretioni- rad
mining the origin of the IMF. ation beaming and potentially Rayleigh-Taylor instalgitt

6. OUTSTANDING PROBLEMS
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or even stellar mergers to overcome the radiation pressutbus in combination provide the simplest mechanism to pro-
Any of these could result in a change in the slope of highduce the IMF.

mass stars re ecting the change in physics. There is much work yet to be done in terms of including
o additional physics (magnetic elds, feedback) into the nu-
6.3. Mass limits merical simulations that produce testable IMFs. It is also

Observationally, it is unclear what limits there are orimportant to develop additional observational predicsion
stellar masses. At low masses, the IMF appears to coffom the theoretical models and to use observed properties
tinue as far down as is observable. Upper-mass limits agé star forming regions to determine necessary and suf -
on rmer ground observationally with strong evidence of acient conditions for a full theory for the origin of the IMF.
lack of stars higher than 150M even in regions where For example, competitive accretion predicts that highsnas
statistically they are expecteBiger, 2005;0ey and Clarke Star formation is linked to the formation of a bound stellar
2005; Weidner and Kroup&2004). Physically, the only lim- cluster. This can be tested by observations: the existence o
itation on the formation of low-mass objects is likely to besigni cant numbers of high-mass stars in non-clustered re-
the opacity limit whereby an object cannot cool faster thagions or small-N clusters would argue strongly against the
it contracts, setting a lower limit for a gravitationallylood ~ accretion model.
object Low and Lynden-Bell1976;Rees 1976;Boyd and
Whitworth, 2005). This sets a minimum Jeans mass of or-  acknowledgments
der3 10Jupiter masses. At the higher-end physical limits

could be set by radiation pressure on dust or electrons (the & thank the referee, Bruce Elmegreen, for valuable
Eddington limit), or by physical collisions. comments. HZ thanks the DFG for travel support to PPV.
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